We present an analysis of 23 yr of pulse arrival times for PSR B1259−63. The pulsar is in a binary orbit about its approximately 20M ⊙ companion LS 2883. Our bestfitting timing solution has none of the pulse-number ambiguities that have plagued previous attempts to model the binary orbit. We measure significant first and second time derivatives of the projected semimajor axis and longitude of the periastron of the orbit. These variations are found to be consistent with the precession of the orbital plane due to classical spin-orbit coupling. The derived moment of inertia and spin of the companion are consistent with the companion rotating at near-breakup velocity. The system configuration is also consistent with the geometry derived from both the polarisation of the radio emission and the eclipse of the pulsar by the equatorial disc of the companion. We find strong evidence for orbital period decay that can be attributed to mass loss from the companion star. We also measure a significant proper motion that locates the birth of the system in the Centaurus OB1 association. By combining proper motion of the pulsar with radial velocity measurements of the companion, we measure the three-dimensional velocity of the system. This velocity is used to constrain the masses of the stars prior to the supernova explosion and the kick the pulsar received at or immediately after the explosion.
INTRODUCTION
The PSR B1259−63/LS 2883 binary system has beguiled astronomers since its discovery in 1990 (Johnston et al. 1992) . The pulsar has a spin period of ∼ 48 ms and an age of 0.3 Gyr inferred from measurements of the pulsar's spin period and period derivative. It is in a highly eccentric (e ∼ 0.87) orbit with period P b ∼ 1237 d about a high-mass 10M ⊙ main sequence stellar companion, LS 2883. The companion is a late Oe-type or early Be-type star that possesses a significant stellar wind and an equatorial excretion disc (Johnston et al. 1994 ). Close to periastron, the pulsar is eclipsed by the disc for ≈ 100 d at which point pulsed emission becomes undetectable. However, the system emits continuum radio and high-energy emission, caused by interactions between the pulsar and stellar winds (Johnston et al. 1996; Abdo et al. 2011) .
If the companion is aspherical and the orbital axis is misaligned from the spin axis of the companion, there is pre-⋆ E-mail: ryan.shannon@csiro.au cession of the orbital plane of the pulsar, due to coupling between the quadrupolar gravitational field of the companion and the orbit of the system. The precession manifests itself as linear-in-time variations in the projected size of the orbit and position of periastron passage. The largest effects are the change of the projected size of the orbitẋ and longitude of periastronω, but detection of higher-order derivatives of both x and ω is possible.
This coupling is expected for this system for two reasons. Firstly, the companion is expected to be oblate since, as a result of mass transfer, it is rotating at near breakup velocity (van den Heuvel 1984) . Secondly, misalignment of the spin and orbital axis is expected if the neutron star receives a kick at the time of the supernova explosion. This spin-orbit coupling has been observed in another neutron star system (PSR J0045−7319, Kaspi et al. 1996) .
If the coupling is measured, it is possible to place significant constraints on the geometry of the system (Kaspi et al. 1996; Wex 1998) . The strength of the coupling can be used infer the internal structure of the companion star through measurement of its apsidal-motion constant. The misalign-ment of the spin and orbital axes can be used to determine the kick imparted on the pulsar during (or immediately after) the supernova explosion.
There have been a number of attempts to fully characterise the orbit of the PSR B1256−63/LS 2883 system. Two tasks have made measurement of spin-orbit coupling difficult. Firstly, because of the highly eccentric orbit, the eclipse covers the large fraction of orbital phase during which the effects of coupling on the measured arrival times are the largest. Even when the pulsar is detectable close to periastron passage, the observed radiation is affected by propagation through the disc and stellar wind, causing both dispersive (Melatos, Johnston & Melrose 1995) and multi-path propagation delays (McClure-Griffiths et al. 1998) . Additionally, the pulsar shows evidence of intrinsic rotational irregularities (referred to as timing noise), which have previously made it difficult to identify secular variations in arrival times.
As a result, previous models have resulted in conflicting characterisation of the system. suggested that the propeller-driven torque close to periastron passage was causing arrival time variations. Wex et al. (1998) measured significantẋ andω and interpreted the results in the context of classical spin orbit coupling. Wang, Johnston & Manchester (2004) could not distinguish between discrete jumps in orbital parameters through periastron passage and long term variations associated with spin-orbit coupling. For models includingẋ andω, Wang, Johnston & Manchester (2004) found results highly inconsistent with Wex et al. (1998) , measuring values ofẋ andω a factor of ten smaller in magnitude and opposite in sign.
The system can also be constrained through studies of the companion star LS 2883. Recently, Negueruela et al. (2011) conducted optical spectroscopy of the companion. The companion mass was estimated to be 15-30M ⊙ . This higher mass implies a reduced orbital inclination angle of i ≈ 23
• compared to previous studies (alternatively, the inclination angle could be 180 − i ≈ 157
• ) . The broadening of absorption features in the spectra indicate that the companion is rotating at near-breakup velocity with an spin inclination of ≈ 30
• (or 150 • ) with respect to the line of sight. Observations of interstellar absorption lines together with the high mass place the pulsar at a distance of 2.3 ± 0.4 kpc, much further than previous estimates of ≈ 1 kpc.
OBSERVATIONS
The observations presented here were taken with the Parkes radio telescope between 1990 January 18 and 2013 February 3 and span six periastron passages of the system. Early observations prior to 2003 were taken with a series of analogue filterbank and digital autocorrelation spectrometers and are described in Wang, Johnston & Manchester (2004) . Observations through the 2000 periastron passage are presented in Connors et al. (2002) . Observations through the 2004 periastron passage are presented in Johnston et al. (2005a) . The cadence of these observations varies. There are typically high-cadence observing campaigns close to periastron passage with observations many times per week. At other times, monthly observing cadence is typically achieved. Most recently, the pulsar has been observed with digital filterbanks as part of a programme to monitor pulsars of interest to the Fermi Space Telescope (Weltevrede et al. 2010 ). These observations have monthly cadence with a central observing frequency close to 1.4 GHz and sem-iannual cadence with a central frequency of 3.0 GHz.
Close to periastron passage, the pulsar passes behind the dense wind of the companion and the pulsar shows a rapid increase in dispersion measure before being completely eclipsed by the star and its wind. We corrected the arrival times (TOAs) for variations in dispersion measure using published measurements of DM (Wang, Johnston & Manchester 2004; Johnston et al. 2005a) . We have corrected the TOA uncertainty for uncertainties in the DM variation . Arrival times were not corrected for the broadening of pulse profile associated with scattering of the pulsed radio emission in the equatorial disc and wind. For the most recent periastron passages we have estimated the dispersion measure by forming multiple TOAs across observed bandwidth.
Formal errors (Taylor 1992) often underestimate the true TOA uncertainty because of a combination of astrophysical and instrumental effects. We find that the TOA uncertainties are underestimated for observations of this pulsar. Arrival time errors were therefore adjusted in order to better reflect white noise present in observations. We did this by adding in quadrature an additional term to the formal TOA uncertainty. For most of the observations, we have added 50 µs to the TOA uncertainty, but for some of the older observations, we have added 100 µs because of the large observation-to-observation scatter in the measured arrival times.
TIMING ANALYSIS

Binary model
The tempo2 software package (Edwards, Hobbs & Manchester 2006 ) was used to model the pulse arrival times. We used the planetary ephemeris DE421 and the most recently published realisation of terrestrial time (BIPM2011) to refer site arrival times to solar-system barycentre. The binary orbit was modelled as a precessing Keplerian orbit using the main sequence star (MSS) binary model (Wex 1998) initially implemented in tempo and re-implemented in tempo2. The Keplerian orbital parameters are the epoch of periastron passage T0, longitude of periastron passage ω, eccentricity e, orbital period P b , projected semimajor axis x. Precession of an orbit would cause slow variations in x and ω. We therefore extended the algorithm by fitting for the first and second (time) derivatives of projected semimajor axis, respectivelẏ x andẍ, and of longitude of periastron passageω andω.
There are other effects in the system that can be manifested in TOA variations ). We also considered models that included variation in the orbital eccentricity,ė, and orbital period,Ṗ b . Finally we also considered the effects of Shapiro delay (Shapiro 1964 ) and the orbital paral-lax effect (Kopeikin 1995) . This updated model is available in the tempo2 software repository. 
Time of arrival fitting algorithm
Our fitting method differs from previously applied methods in a few important ways. Firstly, we have incorporated a red noise covariance matrix into the TOA fitting process using a method described in Coles et al. (2011) . The red noise was estimated using an iterative procedure. From a first estimate of the binary orbital properties, we calculated the post-fit residuals. These residuals show evidence for red noise that cause variations in the pulse arrival time that vary over ≈ 20 cycles of pulse phase over the 23 yr of observation. We then estimated the power spectrum of these residuals, as displayed in Figure 1 . The power spectrum was calculated using a pre-whitening technique to mitigate the effects of spectral leakage of red-noise processes. We found that the spin noise could be modelled as a red noise process with power spectral density P (f ) ∝ f −8 . This level of timing noise is consistent with that of other rotation-powered pulsars . The red noise was incorporated into the covariance matrix when the model was fitted. The fitting process and noise modelling process were iterated until the fitted parameters and the noise model converged.
The best-fitting residuals, displayed in Figure 2 , show that the timing solution is reasonable because there are no pulse-number ambiguities at any time, meaning the solution is phase-coherent. Additionally, the variations appear to be smooth, indicative of a red noise process, and lacking quasiperiodic variations at the orbital period of the system. The plot does not provide visual or quantitative tools necessary to assess the goodness of fit. It is difficult to visually detect the sub-millisecond variations caused by spin-orbit coupling. Finally, the root-mean-square level of the residuals, which is often used to measure assess the goodness of fit, is not an appropriate diagnostic here.
In order to both visually and quantitatively assess the check the goodness of fit we analyse the whitened residuals,
where the whitening matrix u −1 is calculated from the Cholesky decomposition of the noise covariance matrix C (i.e, uu t ≡ C) and r is a column vector of the best-fitting residuals.
If the covariance matrix adequately models the timing noise and the timing model accounts for all of the deterministic TOA variations, the whitened residuals should show white-noise characteristics and have an rms of unity (Coles et al. 2011 ). The quality of the fits can be assessed using the goodness of fit statistic
If both the timing and noise models are good, the reduced-χ
where NDOF is the number of degrees of freedom in the fit (i.e., the difference between the number of data points and the number of fit parameters).
We considered different models for the TOAs that contained different numbers of parameters. Including additional 1 tempo2.sourceforge.net parameters in the fit improves the model and will reduce the χ 2 value, even if the parameters are not significant. To test if the reduction in χ 2 associated with the inclusion of a given parameter was significant, we used the Akaike Information Criterion (Akaike 1974) to determine if the improvement was significant, requiring that the χ 2 in the new fit to be smaller than the original χ 2 by a value of 2 for each parameter added to the fit.
Results of fitting
We compared three different families of models: 1) Keplerian parameters only; 2) the addition of post-Keplerian parameters; and 3) Keplerian, post-Keplerian, and proper motion.
In Table 1 , we show the χ 2 and χ 2 R values for the models we considered. We find that including the first and second derivatives of x and ω provides a significantly improved fit with the reduced χ 2 decreasing from 7 to 2.5 and the formal uncertainties onẋ andω implying, respectively, 25σ and 40σ detections of these parameters. These improvements can also be found by comparing the power spectra of the solutions. We also compare solutions that have had one extra cycle of pulse phase added and one extra cycle of pulse phase subtracted across each periastron passages. These solutions show poorer χ 2 than the best-fiting solution. The best-fitting model is shown in Table 3 . Our measurements ofẋ andω and their uncertainties are an order of magnitude smaller than those previously published. Also, for the first time, we have detected significant values forω andẍ with the detections of both parameters showing > 3σ statistical significance. We also measured significant orbital period increaseṖ b , and proper motion in both right ascension µα cos δ and declination µ δ . The implications of these measurements are discussed in Section 4.
In Figure 3 , we show the residuals whitened using our model for the timing noise for a model that contains only the Keplerian parameters (panel a) and the best-fitting model (panel b) . For all of the models considered, we found that there is a small (≪ 0.005 cycle of pulse phase) systematic variation in the residual arrival times close to periastron passages. These departures are biased to positive contribution to arrival time. They could therefore be plausibly associated with uncorrected variations in dispersion measure or scattering of the pulsar radiation through the disc (McClure-Griffiths et al. 1998 ). Close to periastron passage, they find that the scintillation bandwidth at 4.8 GHz is approximately ν d,4.8 ≈ 5 MHz. Assuming Kolmogorov turbulence, the scintillation bandwidth scales ∝ ν −4.4 and the scintillation bandwidth at 1.4 GHz is 22 kHz. The scatterbroadening time can be computed from the scintillation bandwidth using τ d ≈ 2π/ν d (Lambert & Rickett 1999) . Therefore at 1.4 GHz we expect τ d ≈ 2π/ν d ≈ 0.28 ms . In the regime relevant here where scattering is small compared the pulse width the delay in the arrival time is the scatter broadening time . We find that scattering delays induce delays of approximately 0.006 cycles of pulse phase (0.29 ms) close to eclipse.
In Figure 1 , we show the power spectrum for the bestfitting Keplerian solution, which has excess power associated with improperly modelled TOAs. We also show the best solutions with one extra cycle of pulse phase added and one extra pulse phase subtracted at each periastron passage. The excess in the χ 2 can be attributed to excess power at the fundamental and first harmonic of the orbital period.
For other parameters, we did not measure significant values. In particular, Kopeikin (1995) suggested that with ≈ 100 µs timing precision, orbital parallax may be detectable for this pulsar because of the wide orbit (making this effect large). Given the distance to the pulsar we expect π orb = 1 mas. When this term is include in the fit, we found an insignificant improvement and set an upper limit of π orb < 6 mas, well above the expected value.
This pulsar also experienced a small glitch close to the third periastron passage that has previously been identified and characterised (Wang, Johnston & Manchester 2004 ). We have re-fit for all of the glitch components. Our value for permanent frequency change is consistent with that published in Wang, Johnston & Manchester (2004) . We find no evidence for a permanent change in the frequency derivative. Because we have fitted for the glitch components in the presence of the red-noise timing model, our glitch parameters are likely more robust than previous estimates.
Estimating parameter uncertainty and ruling out parameter bias
The best model has a reduced χ 2 value of approximately 2. This indicates that the noise model does not fully account for the TOA uncertainty. We attribute the excess to systematic variations close to periastron passage and unmodelled instrumental effects. In order to determine if there was bias in our parameter estimation and if parameter uncertainties were being underestimated, we conducted two sets of simulations.
In one set of simulations, we assessed if parameter estimation was being affected by the red noise and red-noise modelling algorithm we employed. To do this, we generated synthetic datasets that matched the noise model for the observations. The data sets were formed by adding to ideal TOAs that perfectly matched the pulsar ephemeris, red and white noise consistent with the observations. We then refit the pulsar spin model to these datasets. We found that our results were independent of starting from the true value or starting from values significantly different than the true value (for example, by starting the modelling process with parameters of interest, such asẋ, set to zero).
We measured the variance of the measured values from each simulation as well as the reduced χ 2 of the ensemble:
where x is the average of the Nsim realisations, xi are the values from individual realisations, and δxi are the inferred parameter errors. If the parameter errors are correct, we would expect χ 2 /NDOF ≈ 1. In Table 2 we show χ 2 values. We found that for all of the parameters, there was no bias in the parameter estimation. We found that in all cases, the reduced χ 2 /NDOF < 1.9, indicating that the error bars for all parameters were correct to within a factor of ≈ χ 2 < 1.4.
To assess the presence of statistical bias in our methods, we used the statistic ∆/σ ≡ (p − p )/σp, where σp is the standard deviation of the parameter p, and ∆ = p− p is the difference bewteen the actual parameter value and the mean 
of the Nsim simulations. We found that for all parameters, the bias parameter is consistent with the predicted value of |∆/σ| 1/ √ Nsim = 0.1. In a second set of simulations, we used a bootstrap method to assess if the under-estimation of the white noise levels is biasing the measurement of parameters or their uncertainties. We formed 100 realisations by randomly selecting TOAs (with replacement) from the original list of TOAs. We then re-fit the timing model to each realisation. We then calculated the reduced-χ 2 values (Equation 3), which are also presented in Table 2 . We find again that for all parameters the reduced χ 2 < 2. In these simulations the bias parameter has slightly different meaning than in the red noise simulations. Because the input value is not the true value, but only a value derived from a single realisation, we expect ∆/σp ≈ 1 for all of the parameters. This is consistent with the estimates for the bias parameter that we derive.
From these simulations we conclude that our parameter estimation is not biased and the uncertainties in all cases are correct to within a factor of ≈ 1.4 at worst. In subsequent analysis, we correct the parameter uncertainties by multiplying them by χ 2 R /NDOF + χ 2 W /NDOF, using values listed in Table 2 .
IMPLICATIONS
Spin-orbit coupling
Our best-fitting model includes significant measurements of the first and second derivatives of the parameters x and ω. We attribute these measurements to spin-orbit coupling. These measurements can therefore be used to determine the spin-orbit misalignment and place strong constraints on system geometry and evolution. Wex (1998) derives expressions for the first and second derivatives of x and ω in the presence of spin-orbit coupling:
The factor Q parametrizes the quadrupole moment of the companion
where J2 = I3 − I1, I3 is the moment of inertia about the symmetry axis, I1 is the moment of inertia about an equatorial axis, k is the apsidal-motion constant andΩc ≡ Ωc/(GMc/R 3 c ) 1/2 is the dimensionless proper rotation of the companion, a is the semi-major axis of the relative orbit, and e is the orbital eccentricity. We note that it is necessary to correctω for a relativistic contribution that is discussed in Section 4.5
The spin-orbit geometry can be characterised by four angles: Φ0, θ, θJ , which are shown in Figure 4 , and the inclination angle i of the total angular momentum J = L + S, where L is the orbital angular momentum and S is the spin angular momentum. Following Wex (1998), we define a coordinate system such that the total angular momentum J is in theẑ direction and the observing line of sight is in the y-z plane, inclined fromẑ by an angle i. The angle between L and J is θJ , and the angle between L and S is θ. The ascending node of the orbital angular momentum on the total angular momentum plane at the epoch of the measurements ofẋ andω is Φ0. Because S ≪ L, θJ ≪ 1 and i is to good approximation the inclination of the orbit with the line of sight iL. The inclination of the spin of the companion is iS.
We first examine constraints that can be placed on the orbital parameters using measurements ofẋ andω. We do this both because these two quantities are measured with the highest significance and they have previously been analysed, and therefore enable direct comparison of our results to pre- Power spectrum for observations of PSR B1259−63 (solid thick line). The dotted line shows the power spectrum derived from a model that only includes Keplerian parameters. The thin solid lines show models that include additional phase jumps across periastron passages. These models show evidence for excess power, particularly at the fundamental and first harmonic of the orbital period, which are highlighted by vertical solid lines. The dashed line shows the f −8 model for the noise, used both as a prewhitening filter to estimate pulsar parameters and the basis for simulations to test the robustness of parameter estimation. vious work Wang, Johnston & Manchester 2004) . The periastron advanceω needs to be corrected for the general relativistic contribution; this correction is discussed in Section 4.5. Using these measurements ofẋ anḋ ω, we can solve Equations (4) and (6) to constrain values of Φ0 and θ: ωẋ x sin Φ0 − cos Φ0 = 1 + 3 cos 2θ 2 cot i sin 2θ .
In Figure 5 these constraints are shown as the solid black curves. The widths of the band correspond to the uncertainty in the inclination angle i of 10
• . The solid grey region is excluded becauseẋ > 0 andω > 0. Based on these Orbital Configuration. The total angular momentum J = L + S is the sum of the orbital angular momentum L and the spin angular momentum S. J is defined to be in theẑ direction and the observer's line of sight is defined to be in the x-z plane. Not shown on the figure are, iL, and iS, respectively the inclination angles of the orbital angular momentum L and the spin angular momentum S with respect to the line of sight. measurements alone, we find that the inclination of the spin angular momentum with respect the orbital angular momentum has the range 15
• . There are two sets of allowed values of θ, as Equation (9) enables values of θ that represent approximately parallel and anti-parallel L and S. However, from expectations for the evolution of binary star systems we expect L and S to be closer to parallel than anti-parallel so we favour the permissible region in the first quadrant of Figure 5 .
The additional measurements ofẍ andω allow the three additional angles Φ0, θ, and θJ to be determined. With measurements of these values we are also able to determine the inclination of the spin-axis with respect to the line of sight.
Monte-Carlo simulations were used to estimate the uncertainty for the parameters. We simulated values ofẋ,ẍ, ω, andω from distributions consistent with their measured uncertainties. In these simulations, we also incorporated the covariance between the parameters as determined from the fit.
We simulated values of the companion mass from the estimates of Negueruela et al. (2011) . We fix the pulsar mass at 1.4M ⊙ . This is justified because the uncertainties in neutron star masses (particularly those of non-recycled pulsars like PSR B1259−63) are much smaller than those of the companion, and the kinematics are dominantly affected by the large mass of the companion and mass of the progenitor.
We then solved Equations 4 to 7 to calculate θ, θJ , Φ0 and Q. The derived values for these quantities are presented in Table 4 , with the best matching values of Φ0 and θ presented as the shaded grey region in Figure 5 . As expected, we find that the vast majority of total angular momentum is contained in the orbital angular momentum; therefore θJ ≪ 1 and L is essentially parallel to J. We also find that the spin of the companion star is misaligned from total angular momentum by ≈ 35
• . By combining our results with optical spectroscopy of the companion, we can calculate the apsidal-motion constant for the star. Optical spectroscopy supports a fast- rotating companion with the projected velocity vrot sin iS = 260 ± 15 km s −1 and a radius of ≈ 10 R ⊙ (Negueruela et al. 2011). Our estimate of the spin inclination iS ≈ 147
• is in good agreement with values derived from optical observations (Negueruela et al. 2011 ). Combining radio and optical measurements, we find thatΩ ≈ 0.8, indicating that the star is spinning at near breakup velocity. We can solve Equation 8 to find the apsidal-motion constant is k ≈ 10 −3 . This is consistent with the low surface gravity of the companion (log g ≈ 4, Claret 1999). There is large 0.8 dex uncertainty in k because of the compounded uncertainties in companion mass and rotational speed. We find that the difference between the on-axis and equatorial moments of inertia is J2 ≈ 5 × 10 54 g cm 2 .
Comparison with eclipse geometry
The eclipse of the pulsed pulsar radiation is associated with the passage of the star behind the equatorial excretion disc. Melatos, Johnston & Melrose (1995) found that the eclipse will only occur if orbital plane is offset from the equatorial plane of the companion star by an angle of between 10
• and 40
• . Our measurement of an inclination angle of θ ≈ 35
• is consistent with these values.
Emission geometry: evidence for spin-spin alignment
The geometry of the pulsar magnetosphere is consistent with the spin of the neutron star progenitor being aligned with the companion prior to the supernova explosion. present an analysis of the polarisation of the pulsar. They interpreted the two components of the pulse profile as being associated with components of a wide beam. The position angle sweep was interpreted within the context of the rotating-vector model (Radhakrishnan & Cooke 1969) allowing the measurement of the angle between the magnetic axis and rotation axis α, and the angle between the rotation axis and the line of sight ζ. They presented two possible models for the emission geometries 2 : one with (ζ = 170
• , α = 170 • ) (no uncertainties were presented for this fit in and a second with (ζ = 134
• ± 6 • , α = 137
The latter interpretation was favoured because it better fitted the data and the pulse profile evolution with frequency. We have also revisited the polarimetry using more recent high time and frequency resolution observations and have confirmed the results.
The timing measurements suggest that the companion spin has an inclination with respect to the line of sight of 147
• ± 3
• . Polarimetry of the pulsar suggests that the spin angular momentum of the pulsar has a similar inclination with respect to the line of sight. However, the position angle on the sky is not constrained.
Proper motion: evidence of association with
Centaurus OB1
The significant proper motion can be used to identify potential birth location for the system and, if the location is identified, make an estimate of the system's kinematic age. We find that the pulsar has a proper motion of (µα cos δ, µ δ ) = (−6 ± 2, −4 ± 1) mas yr −1 . Negueruela et al. (2011) identified interstellar absorption lines in the spectrum of the companion to estimate the distance to be 2.3 ± 0.4 kpc. Using this assumed distance, we find a transverse velocity of ≈ 80 ± 30 km s −1 . Negueruela et al. (2011) also noted that the system has extinction consistent with members of the Cen OB1 association. The centre of the association is (ℓ, b) = (303
• .7, 0 • .5), which corresponds to (α, δ) = (12 h 58 m , −62
• 28 ′ ) with an angular extent of 4 × 4 deg 2 . In 3 × 10 5 yr, the pulsar has moved 1.1
• in right ascension and 0.4
• in declination. Correcting for systemic motion of the cluster, the birth position of the pulsar is (ℓ, b) = (303
• .9, −0 • .6), closer to the centre of the association than its current location. The kinematic age of the system, assuming the system originated close to the centre of the cluster, is therefore consistent with the spin-down age.
A large portion of the system proper motion can be attributed to the cluster. Corti & Orellana (2013) note that the Centaurus OB association has a proper motion of µα cos δ = −4.8 ± 0.1 mas yr −1 and µ δ = 0.8 ± 0.1 mas yr
. Correcting for the cluster motion, the system has a speed of 60 ± 30 km s −1 , which is consistent with a population of OB runaway stars (Tetzlaff, Neuhäuser & Hohle 2011) We also note that the trajectory of the star is inconsistent with the star originating in the young open cluster NGC 1755.
There are inconsistent measurements of the optical radial velocity of the companion star. Johnston et al. (1994) measured a blue-shift of Hα emission of the companion that of 70 km s −1 relative the local standard of rest. However Negueruela et al. (2011) do not measure a significant shift of the Hα emission relative to the local standard of rest. We note that orbital radial velocity variations cannot explain this discrepancy. The star shows approximately ≈ 10 km s −1 peak-to-peak radial velocity variations (Johnston et al. 1994) , which occur predominantly near periastron passage. Because both observations occurred far from periastron passage, the orbital effects are much smaller than 10 km s −1 . In the following section, we consider both radial velocities in modelling of the system.
Three-dimensional orbit of the system: constraining progenitor masses and supernova kicks
The model of the current orbit of the system can be used to constrain the properties of the system at the time of the supernova explosion. We let the pulsar progenitor have an unknown initial mass M1 and an orbit with semimajor axis a0. The orbit is assumed to be circular and in the plane perpendicular to the spin of the companion. These assumptions are reasonable because the orbit of the stars is expected to be circularised by gas friction prior to the supernova explosion. The spin of the companion is likely aligned with the orbit because of mass transfer prior to the supernova explosion (van den Heuvel 1984; Brandt & Podsiadlowski 1995) . We also assume that prior to the supernova explosion, the system was moving with a velocity equal to that of the average of the Cen OB1 cluster.
In the supernova explosion, the progenitor to the neutron star loses M1 − MNS of its mass, where MNS = 1.4M ⊙ is assumed for the pulsar mass. Immediately after the supernova explosion, the companion velocity is its orbital velocity prior to the explosion. The pulsar's velocity is the sum of its circular velocity and a kick velocity V kick . This kick is assumed to be instantaneous (i.e., it is imparted on a timescale much shorter than the post-explosion orbital time scale). This kick could arise from different sources: it could be either associated with an asymmetric explosion, or acceleration of the neutron star with a variety of possible mechanisms (Lai 2004; Wang, Lai & Han 2006) .
The input parameters for the model are displayed in Table 5. The orbit of the post-supernova system and its centre of mass velocity can be characterised by the masses, initial positions, and initial velocities of pulsar and its companion. Expressions for these quantities are derived in Equations (2.134) to (2.139) of Murray & Dermott (1999) . The three-dimensional space velocity of the system is the centreof-mass velocity. The orbit of system is characterised by its semimajor axis, inclination, eccentricity, longitude of ascending node, longitude of periastron, and mean anomaly at the time of the supernova explosion. These parameters represent the orbital configuration at the time of the explosion; the parameters have certainly evolved since the explosion (e.g., we know that the orbit is precessing due to spin-orbit coupling).
Given the weak or unconstrained nature of many of the input parameters, it is necessary to search over a large parameter space in order to find values compatible with the observed system. We used Monte-Carlo methods to search the parameter space. To do this, we first randomly generated input parameters from broad distributions, consistent with observational and astrophysical constraints. Using these initial parameters, we then calculated the post-explosion properties of these simulated systems and compared them to the observed system. The match was assessed using the goodnessof fit criterion
where p = (p1, ...pN p ) is a vector containing the parameters used to constrain the system and δp are their uncertainties. A good match is found when when − log L ≈ 1. For constraining parameters, displayed in Table 5 , we used the current three-dimensional space velocity v, the projected semimajor axis of the pulsar's orbit x, the orbital period P b , the orbital eccentricity e, and the angle between the spin and orbital axes θ. For the radial velocity of the system vz, we considered independently both the blue-shifted (relative the local standard of rest) measurement of −70 km s −1 of Johnston et al. (1994) and the more recent measurement, which shows no evidence for a shift from local standard of rest (Negueruela et al. 2011) . Because the parameters have likely evolved since the supernova explosion, we have used values much greater than the formal uncertainties.
We searched through the parameter space using a Metropolis-Hastings algorithm Markov chain to measure the distribution of both model parameters and potentially observable properties that can be derived from the initial parameters.
The current orbital configuration and the system velocity constrain the birth properties of the system to the ranges listed in Table 6 .
We find that the mass of the pulsar progenitor (M1 ≈ 30 M ⊙ ) likely had a slightly larger mass than the mass of the ≈ 20 M ⊙ companion star At the time of the explosion the stars were separated by ≈ 1 AU, similar in size to the semiminor axis of the current orbit.
We find that the pulsar was given a kick with speed |v| ≈ 100 km s −1 , which is consistent with, but on the low end of, the distribution of pulsar velocities (Hobbs et al. 2005) . The kick velocity has values antiparallel to the spin axis of the pulsar and in the direction of the plane. Interestingly, the kick has a significant component in the plane perpendicular to the spin of the companion.
If the pulsar and companion spin axes are aligned, the pulsar is a member of the ≈ 30% fraction of the population of young pulsars that show kicks misaligned with the spin axis (Johnston et al. 2005b; Rankin 2007; Noutsos et al. 2013) . If the kick was imparted over many rotational periods of the pulsar, the component in the plane perpendicular to the spin would be expected to average out. Our results suggest that any post-explosion kick would have to be imparted over at most a few rotational periods.
As our measurements ofẍ andω are only marginally significant we do not place strong constraints on the sky geometry of the obit. We find that longitude of ascending node of the orbit is Ω ∼ −50
• , which is in general agreement with an analysis of very long baseline interferometric observations presented by Moldón et al. (2011) . Best fitting parameters derived using the two different assumptions on the radial velocity yield modestly different system configurations. If the radial velocity is −70 km s −1 , the progenitor was likely slightly more massive, in a more compact orbit, and imparted a slightly larger kick at the time of the supernova explosion.
Orbital period increase and mass loss
The most likely interpretation for the 2σ measurement oḟ P b is mass loss from the companion due to its stellar wind. Mass loss of rateṁ causes a change of the orbital period (Jeans 1924 (Jeans , 1925 oḟ
The mass-loss rate is thereforė
which is consistent with the mass-loss rate of 5×10 −8 derived from observations of radio continuum emission generated by the interaction of the pulsar with its companion's excretion disk (Johnston et al. 1996) .
There is also an apparent change in the orbital period due to a changing Doppler shift as the system crosses the sky (Shklovskii 1970; Kopeikin 1996) . This term causes an increase inṖ b of
where µ is the system's proper motion, D is the distance to the pulsar. For the PSR B1259−63 system this is negligible compared to the measured orbital period increase.
Corrections toω andẋ
The orbit is expected to precess due to general relativistic effects and the apparent motion of the binary across the sky. The precession rate (Robertson 1938; Backer & Hellings 1986 ) iṡ
(1 − e 2 )c 2 .
= 4.4 × 10 −5 deg yr
, where n ≡ 2π/P b is the angular orbital frequency. The motion of the system across the sky causes contributes an additional term to the periastron advance (Kopeikin 1996) : ωPM = 2.8 × 10 −7 deg yr −1 csc iL (µα cos δ cos Ω + µ δ sin Ω) .
For the PSR B1259−63 system, given the uncertainty in Ω can range between |ωPM| 4 × 10 −6 deg yr −1 if we use an inclination angle of iL = 153 ± 4
• (based on measurements of mass of the companion) and assume Ω is unconstrained. This corresponds to a less than 20% correction toω and is Table 6 . Plausible system initial configurations. We placed prior constraints on the masses of the planets and the inclination angle of the planet. For the initial inclination of the companion we assume an normal distribution N (µ, σ) with mean µ and standard deviation σ. The kick velocity directions are defined as follows: vr is in the direction away from the companion, v φ is azimuthal direction, in the direction of rotation; vz is aligned with the angular momentum vector of the (pre-supernova) orbital plane approximately twice the formal measurement uncertainty iṅ ω. Given the uncertainty in the measurement of Ω, we have not applied this correction in any of the analysis presented here.
The system motion causes variation in the projected orbital radius to change andẋ to vary (Kopeikin 1996) : xPM = 1.5 × 10 −16 s s −1 x cot iL (−µα cos δ sin Ω + µ δ cos Ω) (15)
For the PSR B1259−63 system this is |ẋPM| 3 × 10 −12 s s −1 , which is a factor of 10 smaller than the measuredẋ.
Other relativistic effects
The Shapiro delay is large for this system, inducing a 137 µs rms delay on our arrival times for a 20 M ⊙ star and an inclination angle of 22
• . However, the effect is nearly covariant with other orbital parameters and is absorbed into the fit ) because of the absence of pulsed radio emission from close to periastron passage. As mentioned in Section 3, unsurprisingly, we did not detect this Shapiro delay.
All other relativistic effects are negligible, including the effects of relativistic orbital decay due to gravitational radiation because of the wide separation between the two stars.
CONCLUSIONS
We have modelled 23 yr of pulse arrival-time measurements of the binary PSR B1259−63 and presented a phase-connected timing solution for the observations. The solution was found after modelling the residuals with a strong red-noise component that we attribute to rotational instabilities of the pulsar. In summary: 1) There is strong evidence for precession of the orbital plane due to spin-orbit coupling. We use this precession to show that the misalignment of the spin axis of the companion star LS 2883 and the orbital axis is approximately 35
• . 2) Combined with optical observations, we find that the companion is rotating at near-breakup velocity and has an apsidal-motion constant of k ≈ 10 −3 . 3) We have measured the proper motion of the system. Combined with radial velocity measurements and distances derived from optical spectroscopy of the system, this enables us to compute a three-dimensional velocity for the system, and find the speed of the system is ∼ 80 to 100 km s −1 relative to the local standard of rest, with the larger values favoured for larger radial velocites. 4) The position, proper motion, distance, kinematic age and spindown age of the system suggest it formed in the Centaurus OB1 association. 5) By combining the three-dimensional velocity of the system with the geometry of the orbit, we are able to constrain the masses of the neutron star progenitor and the kick the pulsar received at (or shortly after) the explosion. The misalignment is consistent with the pulsar receiving a kick of ∼ 80 to 100 km s −1 at the time of the supernova explosion. 6) The mass of the progenitor to the pulsar was ≈ 30 M ⊙ . 7) The binary period is increasing at a rate consistent with the companion losing mass at a rate of approximately 4 × 10 −8 M ⊙ yr −1 .
